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Abstract
Recent observations suggest that intensive molecular cloud collision can trigger massive
star/cluster formation. The most important physical process caused by the collision is a shock
compression. In this paper, the influence of a shock wave on the evolution of a molecular cloud
is studied numerically by using isothermal magnetohydrodynamics (MHD) simulations with the
effect of self-gravity. Adaptive-mesh-refinement and sink particle techniques are used to fol-
low long-time evolution of the shocked cloud. We find that the shock compression of turbulent
inhomogeneous molecular cloud creates massive filaments, which lie perpendicularly to the
background magnetic field as we have pointed out in a previous paper. The massive filament
shows global collapse along the filament, which feeds a sink particle located at the collapse
center. We observe high accretion rate M˙acc > 10
−4 Msun yr−1 that is high enough to allow the
formation of even O-type stars. The most massive sink particle achieves M > 50 Msun in a few
times 105 yr after the onset of the filament collapse.
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1 Introduction
How massive stars are formed is a long-standing issue of as-
trophysics (e.g., Zinnecker & Yorke 2007; Tan et al. 2014).
Theoretical studies have shown that massive stars can be formed
if we set up a massive gravitationally bound core or clump that
contains many Jeans masses in a sub-parsec region (Nakano
et al. 2000; McKee & Tan 2002; Yorke & Sonnhalter 2002;
Krumholz et al. 2009; Bonnell et al. 2001; Kuiper et al. 2010),
although it depends on the level of turbulence, magnetiza-
tion, and density structure of the initial core/clump (Peretto et
al. 2007; Commercon et al. 2011; Myers et al. 2013; Peters
et al. 2011; Hennebelle et al. 2011; Girichidis et al. 2011).
Recent observations for environmental conditions around mas-
sive star/cluster emphasize the importance of molecular cloud
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collision as a triggering mechanism of the massive star forma-
tion (Hasegawa et al. 1994; Furukawa et al. 2009; Ohama et
al. 2010; Torii et al. 2011, 2015; Fukui et al. 2014, 2015, 2016;
Dobashi et al. 2014; Higuchi et al. 2014; Tsuboi et al. 2015).
Many new observational evidences of the collision triggered
massive star formation are reported in this special issue (Fukui
et al. 2017a, b, c; Hayashi et al. 2017; Nishimura et al. 2017a,
b; Ohama et al. 2017a, b; Sano et al. 2017; Torii et al. 2017;
Tsutsumi et al. 2017; Kohno et al. 2017). These works revealed
that the cloud collisions that caused massive star/cluster forma-
tion were very intensive with relative velocity on the order of
10 km s−1, which inevitably cause strong shock compression.
In theoretical side, molecular cloud collision have been stud-
ied mostly by using numerical simulations. Pioneering work
by Habe & Ohta (1992) showed that the cloud collision forms
a dense shock compressed layer in which star formation is
triggered even if initial clouds are gravitationally stable (see
also, Anathpindika 2010; Takahira et al. 2014; Matsumoto et
al. 2015; Balfour et al. 2017; Shima et al. 2017). The above the-
oretical studies are based on hydrodynamics simulations omit-
ting the effects of magnetic field. In molecular cloud, because
radiative cooling is efficient, we often treat a cloud as an isother-
mal gas that leads shock compression ratio r≃M2s in the case of
no magnetic field, where Ms is the sonic Mach number. Given
that the typical observed collision velocity ∼ 10 km s−1 and
sound speed 0.2 km s−1 (Ms∼50), the density of shocked layer
can be n= n0M
2
s
>∼ 106 cm−3, if we take the initial cloud den-
sity n0 = 10
3 cm−3. Since the thermal Jeans mass is a decreas-
ing function of the density, the shocked gas created by the cloud
collision would be a favorable site of low-mass star formation,
which is consistent with the results of the above mentioned sim-
ulations.
The effect of magnetic field can drastically change the phys-
ical state of the shocked cloud. The density of the post shock
gas is not drastically enhanced as above, because magnetic pres-
sure prevents over-contraction behind the shock. The shock
compression ratio can be expressed by r ≃ √2MA where
MA =
√
4πρ0 v0/Bt,0 is the Alfve´n Mach number composed
of the upstream magnetic field component perpendicular to the
shock normal Bt,0. This compression ratio is applicable when
the Alfve´n Mach number is larger than the sonic Mach number:
MA >Ms. By rewriting this inequality, we obtain the range of
the magnetic field strength in which we should apply the MHD
formula of the compression ratio:
Bcrt,0 >
√
8πρ0
c2s
vsh
≃ 0.1 µG
(
vsh
10 km s−1
)
−1( n0
103 cm−1
)1/2( cs
0.2 km s−1
)2
.(1)
This indicates that we have to consider the effect of magnetic
field quite generally in molecular clouds.
Based on MHD simulations, Chen & Ostriker (2014, 2015)
reported that typical mass of gravitationally bound cores formed
by the cloud collision is determined by the condition of
the mass-to-magnetic-flux-ratio behind the shock equals unity.
Their result indicates that typical mass of the stars formed by
the cloud collision remains small. Wu et al. (2017a, 2017b)
showed that the cloud collision enhances overall star formation
activity even if the effect of magnetic field is taken into account.
Inoue & Fukui (2013) pointed out that, although most created
cores are low-mass, the most massive core formed by the cloud
collision can be as large as 200 Msun which is massive enough
to evolve into massive star(s). They also suggested that, be-
cause of enhanced magneto-sonic speed (or Alfve´n velocity cA)
and turbulence (∆v) behind the shock, the effective Jeans mass
(∼ G−3/2 ρ−1/2 {c2s + c2A +∆v2}3/2) and the mass accretion
rate (∼G−1{c2s + c2A+∆v2}3/2) can take a much larger value
in the shocked region created by the cloud collision. In addition
to this, they found that the massive cores created by the cloud
collision are generally embedded in massive filaments (see also,
Vaidya et al. 2013; Matsumoto et al. 2015), which resemble the
results of recent observations of massive core formation sites
(Galva´n-Madrid et al. 2010; Peretto et al. 2013, 2014; Fukui et
al. 2015).
However, Inoue & Fukui (2013) didn’t follow the collapse
phase of the massive filament/core because of limited resolu-
tion. In order to clarify whether the cloud collision can induce
massive star formation, we need to perform a seamless simu-
lation from the cloud collision phase to the massive core col-
lapse phase via the massive filament formation. For this pur-
pose, in this paper, we perform MHD simulations of a cloud
collision with adaptive-mesh-refinement (AMR) and sink parti-
cle techniques by employing the SFUMATO code developed by
Matsumoto (2007) and Matsumoto et al. (2015).
2 Numerical Setup
We solve the isothermal MHD equations with self-gravity by
using the SFUMATO code (Matsumoto 2007), in which a
block-structured AMR technique is used and Poissons equation
is solved by the multi-grid method. The MHD equations are in-
tegrated by a Godunov type scheme using approximate HLLD
Riemann solver (Miyoshi & Kusano 2005) with the third-order
accuracy in space and the second order in time. The divergence
free condition is ensured by using a divergence cleaning method
developed by Dedner et al. (2002).
As an initial cloud, we set a gas sphere with density n =
ρ/m= 103 cm−3, isothermal sound speed cs = 0.3 km s
−1 and
radius r = 1.5 pc, where m = 2.4mproton is used as a mean
mass of molecular gas particles and total mass of the sphere is
M =838Msun. Following Larson’s law (Larson 1981), we set a
turbulent velocity field of the velocity dispersion ∆v = 1.5 km
s−1 with the velocity power spectrum v2k ∝ k−4 (equivalent to
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Fig. 1. Schematic illustration of the initial setting. A small cloud of a total
massM =838Msun collides with a larger cloud that is expressed as a plane
parallel sea of dense gas. Turbulent velocity field with dispersion ∆v = 1.5
km s−1 is set in the small cloud. From our initial setting, we can study the
cloud collision of the case that one cloud is much larger than the other one.
We can also learn the case when the cloud is crushed by plane parallel
shock.
the scale-velocity dispersion relation of ∆vl ∝ l1/2).
The numerical domain is set to be Lbox = 6.0 pc cubic
where the coordinate origin (0, 0, 0) is set at its center with
base resolution ∆x0 = Lbox/512. We set the center of the
turbulent sphere at ~rsc = (0, 0, 0.5 pc) and set dense gas of
n = 103 cm−3 in the region z < zlc = −1.5 pc. In the rest
of the box, the less dense gas of n = 102 cm−3 is filled as
an atmospheric medium. To induce cloud collision, we set a
converging flow as vz = −5.0km s−1 tanh(z − zlc). The pe-
riodic boundary condition is used for x, y = ±3.0 pc bound-
ary planes, and free boundary condition is set for z = ±3.0 pc
boundary planes. We initially impose uniform magnetic field of
~B = (0,20.0µG,0), which is perpendicular to the collision di-
rection. This magnetic field strength is consistent with observed
strengths in molecular clouds (Crutcher et al. 2010). Under
this magnetic field, the mass-to-magnetic-flux-ratio of the small
cloud is about 2.5 times the critical ratio, indicating the ini-
tial cloud is magnetically supercritical (Mouschovias & Spitzer
1976). The schematic illustration of the initial setting is shown
in Figure 1. Since the magnetic field component perpendicular
to the collision direction is expected to be highly amplified by
the shock compression (while the parallel component is not),
the initial z-component of the magnetic field would play minor
role even if it is given.
We use the Jeans criterion (Truelove 1997) as the AMR
condition: ∆x ≤ λJ/f , where λJ = π1/2 cs/(Gρ)1/2 is the
Jeans length and f = 8 is used for the fiducial run. The re-
finement is allowed until the finest resolution reaches∆xmin =
Lbox/4096 ≃ 1.5× 10−3 pc, where the local density reaches
ncr ≃ 8.1× 106 cm−3 in such resion for the fiducial run. When
the local density increases more than ncr, we introduce a sink
particle if such a region satisfies four more criteria: (i) the lo-
cal potential minimum criterion, (ii) the negative velocity diver-
gence criterion, (iii) the negative eigenvalue criterion of sym-
metric parts of velocity gradient tensor, and (iv) the negative to-
tal energy criterion within the sink radius of 4∆xmin (Federrath
et al. 2010; Matsumoto et al. 2015).
With our initial setting, we can study the cloud collision of
the case that one cloud is much larger than the other one. We
can also learn the case when the cloud is crushed by a plane
parallel shock wave. Note that we do not set the initial turbu-
lence in the larger cloud for z < zlc in order to focus only on
the shock crushed small cloud, which evolves into dense fila-
ments as pointed out by Inoue & Fukui (2013). If we take into
account the initial turbulence in the larger cloud, we would get
additional star formation in shocked larger cloud region.
3 Results
3.1 Filament Formation Phase
After the collision, the turbulent inhomogeneous cloud is com-
pressed by the shock wave and filamentary structures are
quickly developed in the crushed cloud. In Figure 2 we show
snapshots of the column density structure at t = 0.2, 0.3, 0.4,
and 0.44 Myr. Left panels are the column density along the
x-axis and right panels are those along the z-axis. In the last
row, we also plot the result of the run without self-gravity. At
t = 0.44 Myr the first sink particle is created at (x, y, z) =
(0.307,−0.405,−1.13), indicating that the effect of self-gravity
have just started to play role in the densest region at this time,
and in most regions, gas motion is still determined as a MHD
phenomenon. In fact, by comparing the results with and with-
out the effect of self-gravity in Figure 2, we can confirm that the
filamentary structures are not a consequence of the self-gravity.
Inoue & Fukui (2013) pointed out that filamentary struc-
tures are generated when an inhomogeneous cloud is swept by
a MHD shock wave (see also, Vaidya et al. 2013; Inutsuka et
al. 2015). In the following of this section, we show that the
filament formation mechanism in the present simulation is the
same as that proposed by Inoue & Fukui (2013). Figure 3 is the
illustration about the physical mechanism of the filament forma-
tion by Inoue & Fukui (2013), where the evolution of a dense
clump after shock compression is considered as follows: When
the shock wave induced by the collision hits a dense clump in
turbulent cloud, the shock front is deformed, because the shock
speed is decelerated in the dense region. At the deformed shock
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Fig. 2. Snapshots of column density structure at t=0.2, 0.3, 0.4, and 0.44
Myr. Left panels are the column density along the x-axis and right panels
are those along the z-axis. In the last row, we also plot the result of the run
without self-gravity. At t = 0.44 Myr the first sink particle is just created at
(x, y, z) = (0.307,−0.405,−1.13).
wave, gas flow is kinked as depicted in Figure 3 due to the
oblique shock effect. This is because the velocity (or momen-
tum flux) tangential to the shock is conserved, while the normal
velocity is stalled across the shock1. As a consequence of the
1 This explanation is exact for hydrodynamic shock, but not exact for MHD
Fig. 3. Illustration of the physical mechanism of the filament formation pro-
posed by Inoue & Fukui (2013), where the evolution of a dense clump after
shock compression is considered. A filament perpendicular to the plane of
the paper is created at the stage 3. Here the dense clump under considera-
tion is created by the initial turbulence before the collision. Thus, in the sim-
ulation, many dense clumps exist before the shock sweeps the small cloud,
and the existence of many clumps leads to the formation of many filaments
in the shock crushed cloud.
flow kink, focusing flows are generated behind the shock which
further compress the clump, i.e., the clump is compressed not
only by the shock but also by the post shock focusing flows.
Because of the strong magnetic field behind the shock, the fo-
cusing flows can be induced only along the post shock magnetic
field. This indicates that the filamentary structures perpendicu-
lar to the magnetic field (or perpendicular to the plane of the
paper in Figure 3) are created.
shocks. In the MHD, the tangential momentum flux involves the mag-
netic tension term and thus the tangential velocity is not exactly conserved
across the shock. However, so far as the shock wave is a MHD fast shock,
the flow kink at the shock front as depicted in Figure 3.
Publications of the Astronomical Society of Japan, (2014), Vol. 00, No. 0 5
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Fig. 4. Local structure of a filament formation site at t=0.44Myr. The color
represents the column density and the black lines show mass-weighted av-
erage magnetic field projected on to the plane. The mass-weighted average
velocity field is shown as gray vectors. Note that the formed filament orients
perpendicular to the paper.
Note that the dense clump under consideration in Figure 3
is created by the initial turbulence before the collision. Thus,
many dense clumps exist in the small cloud, and the existence
of the clumps leads to the formation of many filaments in the
shock crushed cloud.
To confirm the above mechanism, we plot a local struc-
ture of a filament formation site at t = 0.44 Myr in Figure
4, where the first sink particle is just created at (x, y, z) =
(0.307, −0.405, −1.13) in this filament formation site. The
color represents the column density, and the black lines show
the mass-weighted average magnetic field projected on to the
plane. The mass-weighted average velocity field is shown as
gray vectors. We can see the fairly similar structure as in the
panel 3 of Figure 3 in actual data. As we shall discuss in the next
section, the first sink particle created in this filament evolve into
the most massive one, indicating that the most massive core is
created in the filament that is formed by Inoue & Fukui (2013)
mechanism.
3.2 Filament Collapse Phase
In Figure 5 and 6 we show snapshots of the column density
structure at t = 0.45, 0.50, 0.55, 0.60, 0.65 and 0.70 Myr. The
left panels are the column density along the z-axis and right
panels are enlarged view around the most massive sink particle.
The position of the most massive sink is indicated as a white
open circle in the left panels, and blue circles indicate the po-
sitions of less massive sinks. One can see the animation of the
corresponding evolution in supplementary movie 1. We see that
the filament that bears the most massive sink shows longitudinal
global collapse along its major axis.
The top-right panel of Figure 5 shows that the massive fila-
ment is running almost along the x-direction. To estimate the
line-mass of the massive filament, we have computed the total
mass of the dense gas with n≥ 104 cm−3 inside the cylindrical
region of V = {(x,y, z)| |x− xsink| ≤ 0.25 pc, [(y− ysink)2+
(z− zsink)2]1/2 ≤ 0.1 pc} at t = 0.45 Myr. The resulting mass
MV =40Msun indicates that the line-mass can be λ≃ 80Msun
pc−1.
It is known that an unmagnetized filament whose line-
mass is larger than the critical mass λmax = 2 c
2
s/G cannot
have equilibrium structure, and thus is gravitationally unsta-
ble (Stodolkiewicz 1963; Ostriker 1964). Recently, Tomisaka
(2014) showed that the maximum line-mass of a filament that
is threaded by magnetic field perpendicular to the filament is
modified to be
λmax ≃ 0.24Φcl/G1/2+1.66c2s/G, (2)
where Φcl represents one half of the magnetic flux threading
the filament per unit length (or one half of the magnetic field
strength times the width of the filament).
As we have shown in the Section 3.1, the filaments in the
present simulation are formed by the mechanism proposed by
Inoue & Fukui (2013), in which it is shown that the magnetic
field strength of the filaments (Bfil) can be predicted accurately
by the shock compression value of the perpendicular component
of the magnetic field to the shock normal:
Bfil ≃B1 = rB0
=
[{
2M2A+(β+1)
2/4
}1/2− (β+1)/2] B0
≃
√
2MAB0
≃ 300µG
(
n0
103 cm−3
)1/2 ( vsh
10 km s−1
)
, (3)
where r is the compression ratio, the subscripts 0 (1) repre-
sents the preshock (postshock) value in the shock rest frame,
MA ≡ v0/(B0/√4πρ0) is the Alfve´nic Mach number, β ≡
8π c2s ρ0/B
2
0 is the upstream plasma beta, and in the third line
we have used MA ≫ β. In the eq. (3), we have employed the
shock-jump-condition for the perpendicular, isothermal MHD
shock. The result is not substantially modified, even if there is
a non-zero magnetic field component parallel to the shock nor-
mal2. To estimate the filament magnetization in the simulation,
we have computed the average magnetic field strength in the re-
gion V given above at t = 0.45 Myr: 〈|B|〉V = 670 µG. This
is somewhat stronger than that of the eq. (3), because the mag-
netic field got additional amplification due to the gravitational
contraction around the sink (see, top right panel of Figure 5).
If we use the typical magnetic field strength of the filament
before collapse as Bfil ∼ 300µG and use width of the filament
as wfil ∼ 0.1 pc (Arzoumanian et al. 2011), the maximum line
mass is estimated to be
λmax ≃ 67Msun pc−1 (Bfil/300µG) (wfil/0.1pc)
2 From the shock-jump-condition with the non-zero parallel magnetic field,
we can express the amplification factor of the perpendicular magnetic field
as: rB = {2M2A (M2s −r)(r−1)/(M2s r)+1}. In the case of the strong
isothermal MHD shock, the condition M2
s
≫ r ∼MA > 1 is satisfied in
wide range of parameter that leads the same expression to the eq. (3).
6 Publications of the Astronomical Society of Japan, (2014), Vol. 00, No. 0
Fig. 5. Snapshots of column density structure at t = 0.45, 0.50, and 0.55 Myr. Left panels are the column density along the z-axis and right panels are
enlarged view around the most massive sink particle. The position of the most massive sink is indicated as a white open circle in the left panels, and blue
circles indicate the positions of less massive sinks.
+35Msun pc
−1 (cs/0.3 km s
−1)2, (4)
where corresponding average column density of the filament is
≃ 4.3× 1022 cm−2(wfil/0.1 pc)−1. This critical line mass is
consistent with the line-mass of the filament in the present sim-
ulation, suggesting that we can have much larger critical line-
mass than the pure thermal case thanks to the strong magnetic
field behind the shock wave. If such a massive filament col-
lapses globally, we can naturally expect massive star formation.
In Figure 7, to show that the most massive sink is fed by
the global filament collapse, we show the velocity structure
along the x-axis that passes by the sink position. Top and
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Fig. 6. Same as Figure 5, but for the structures at t= 0.60, 0.65, and 0.70 Myr.
bottom panels show the results of t = 0.45 and 0.55 Myr, re-
spectively. The purple lines show density-weighted average vx
around the x-axis: 〈vx(x)〉y,z≡
∫
S
ρvxdydz/
∫
S
ρdydz where
S = {(y,z)| [(y− ysink)2+(z− zsink)2]1/2 ≤ 0.1pc}. This ve-
locity structure clearly shows that the filament is globally col-
lapsing toward the sink. The green and blue lines respectively
indicate the velocity structures of 〈vx(x) + vy(x)〉y,z/
√
2 and
〈vx(x) + vz(x)〉y,z/
√
2. If we observe this filament by using
some line emissions from an oblique direction with the angle of
45◦ to the z-axis in the x-y plane (x-z plane), we would find
the structure similar to the green (blue) line in position-velocity
space.
Since the line-mass of the filament is supercritical, it would
also be gravitationally unstable in smaller scales on the order of
the filament width (Inutsuka & Miyama 1992). The oscillatory
structures in the 〈vx(x)〉y,z seem to be a signature of such gravi-
8 Publications of the Astronomical Society of Japan, (2014), Vol. 00, No. 0
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Fig. 7. Velocity structure along the x-axis (filament) that passes by the
sink position. Top and bottom panels respectively show the results of
t = 0.45 and 0.55 Myr. Purple lines show density weighted average
vx around the x-axis: 〈vx(x)〉y,z ≡
∫
S
ρ vx dy dz/
∫
S
ρ dy dz where
S = {(y, z)| [(y− ysink)2 + (z− zsink)2]1/2 ≤ 0.1 pc}. The green and
blue lines indicate the velocity structures of 〈vx(x) + vy(x)〉y,z/
√
2 and
〈vx(x)+ vz(x)〉y,z/
√
2, respectively. If we observe this filament by using
some line emissions from an oblique direction with an angle of 45◦ to the
z-axis in the x-y plane (x-z plane), we would find the structure similar to
the green (blue) line in position-velocity space. Yellow lines show average
number density: 〈n(x)〉y,z ≡
∫
S
ndydz/
∫
S
dy dz, where the density of
the sink particles are excluded.
tational instability. In Figure 7 we plot the average number den-
sity structure of the filament: 〈n(x)〉y,z ≡
∫
S
ndydz/
∫
S
dydz
as the yellow lines, where the density of the sink particles are
excluded. We see that, in particular at t = 0.55 Myr (bottom
panel of Figure 7), there are a few density peaks around the
most massive sink that could be a consequence of the growth of
smaller scale instabilities. Note that, in the case of the unmag-
netized filament, the growth rate of the instability is maximum
at the scale about four times the diameter of the filament, and
the growth rate decreases with increasing scale of the perturba-
tions above the most unstable scale (Inutsuka &Miyama 1992).
Under a strong magnetic field perpendicular to the filament like
the present filament, the most unstable scale of the gravitational
instability would become larger than the unmagnetized case be-
cause magnetic pressure enhances the effective sound speed in
the direction along the filament. A linear analysis of the fila-
ment with the perpendicular magnetic field is necessary to con-
firm this speculation. Our result shows that the most massive
sink particle experiences 5 coalescences with lower mass sink
Fig. 8. Evolution of mass (top) and mass accretion rate (bottom) of sink par-
ticles. Black points corresponds to those of the most massive sink. Other
smaller mass sink particles are plotted with colors.
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Fig. 9. Mass distribution of all 19 sink particles at t = 0.70 Myr
particles within a few times 0.1 Myr history of its evolution, in-
dicating that both global collapse and local fragmentations oc-
curred.
The evolution of mass and mass accretion rates of the sink
particles are shown in the top and bottom panels of Figure 8,
respectively. The black points correspond to those of the most
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Fig. 10. Evolution of mass (top) and mass accretion rate (bottom) of sink
particles. Black points corresponds to the most massive sink of the fiducial
run. Blue and red points show those of the higher and lower resolution runs,
respectively.
massive sink. The mass accretion rate keeps high value required
to form O-type massive star (M˙ >∼ 10−4 Msun yr−1; Wolfire &
Cassinelli 1987) and the mass of the most massive sink exceeds
40Msun within 0.3 Myr after its creation. In Figure 9, we show
mass distribution of all 19 sink particles at t= 0.70Myr.
To test whether our massive sink formation process depends
on the resolution, we examine additional runs with higher and
lower resolutions. In the higher resolution run, we change the
Jeans criterion in the AMR condition from f = 8 to f = 16
(see, section 2) while keeping the maximum level of the refine-
ment. This modification leads twice better resolution for dense
objects but sink particles can be created at lower densities than
the fiducial model by a factor of 4. In the lower resolution run,
we reduce the maximum level of the AMR to be three, i.e., the
maximum resolution is twice coarser than the fiducial run (this
also leads to four time smaller threshold density for the sink
formation). The resulting masses of the most massive sink and
the accretion rates for these runs are plotted in Figure 10. The
figure indicates that at least the formation process of the most
massive sink is not substantially affected by the resolution.
4 Summary and Discussion
We have studied the shock compression of a turbulent molec-
ular clump using the AMR isothermal MHD simulations with
self-gravity and sink particles. We found that the compression
leads to the formation of filaments and the longitudinal global
collapse of the filament creates a massive sink particle with a
mass larger than the 50 Msun. This is particularly compatible
with the cloud collision regions of S116 and NGC6334 (Fukui
et al. 2017b, c) where the filamentary structures are suggested
to be enhanced by the collision. The mass accretion rate of the
massive sink is lager than 10−4 Msun yr
−1 indicating that even
O-type star(s) can be formed within a million years after the
shock passage.
The formation mechanism of the massive filament that bears
the most massive sink is identified to be the focusing flows due
to the curved MHD shock as proposed by Inoue & Fukui (2013)
(see also, Vaidya et al. 2013). The line-mass of the filament is
as large as 100 Msun pc
−1, which can be determined by the
critical line-mass of the filament threaded by a strong magnetic
field perpendicular to the filament with strength >∼ 300µG (see,
eq. [4]). This is compatible with the recent observation of a
massive filamentary infrared dark cloud G11.11−0.12 (Pillai et
al. 2015).
Is the above massive star formation mechanism applicable
only for a cloud collision scenario? We believe that we can nat-
urally expect similar massive star formation modes especially
in giant molecular clouds. This is because our mechanism can
work if there is a shock wave that is strong enough to create a
massive filament. According to Larson’s law, which suggests
higher velocity dispersion for larger cloud, high Mach number
shock would be ubiquitous in giant molecular clouds due to its
own turbulence. Our future study will examine this expectation.
In this paper, we have studied the head-on collision be-
tween a small and a large cloud. Is this a realistic situation?
Observations and theories suggest that the mass function of
molecular clouds and the mass function of clumps in molecular
clouds show power-law shape dN/dm∝m−a with the spectral
index roughly a ∼ 1.7 (Kramer et al. 1996; Fukui et al. 2008;
Hennebelle & Chabrier 2008; Inoue & Inutsuka 2012; Inutsuka
et al. 2015; Kobayashi et al. 2017). Hence the rate of collision
between a molecular cloud with massM and a cloud with mass
larger thanM can be estimated as
R(M) =
∫
M
σvcollm
−a dm∝M−a+q+1, (5)
where σ ∝ mq is the cross section of the collision (spherical
cloud has q=2/3 and constant surface density cloud corresponds
to q=1) and we have assumed that the collision velocity does not
depend on the mass, for simplicity. Both cases of q show very
weak dependence of R(M) on M , implying that the collision
rate does not substantially depend on the mass M . Thus the
collision of the clouds with different mass scales and with sim-
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ilar mass scales happen with a similar rate. When we consider
the collision of similar mass clouds, we need to pay attention to
offset collisions that could induce a shear flow in the shocked
layer and that potentially change the dynamics of the filament
formation.
In this paper, we created the sink particle when the lo-
cal density reaches about 3× 10−17 g cm−3, which is much
smaller than that of the first adiabatic core ∼ 10−13 g cm−3.
Gravitational instability may occur in the first core and possi-
bly lead to the formation of multiple stars. Thus, our sink mass
should be interpreted as the upper limit of the mass of a mas-
sive star. We clearly need future studies with higher resolution
and with radiation feedback to conclude rigorous massive star
formation.
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